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Figure 6. The volume averaged random and ordered components
of the magnetic field are plotted against azimuth for the models
with cold gas for the strongest magnetic field (β = 0.1, top) and
when the magnetic and thermal pressure are equal (β = 1, lower).
The corresponding time is 200 Myr. The magnetic field has a
comparatively more ordered field when the field is stronger.

higher and exceeds the ordered component for both values
of β.

Recent simulations have shown that a velocity disper-
sion can be induced in the ISM when clumpy gas passes
through a spiral shock (Bonnell et al. 2006; Dobbs & Bon-
nell 2007a). In Dobbs et al. (2006), we describe the dynam-
ics of the shock as gas interacts and gains and loses angular
momentum. For the MHD simulations presented here, the
shocks not only induce a velocity dispersion, but the ve-
locities in the gas then lead to a disordered magnetic field.
For a low resistivity plasma (i.e. ideal MHD) the magnetic
field is expected to follow the flow of the gas. Therefore the
field will be become tangled where different velocities occur
in a localised region of gas. We observe this in simulations
where cold gas which has passed through the shock has a
much more random field. We thus propose that spiral shocks
generate and amplify a random component in the magnetic
field.

Figure 7. The change in the ordered (solid) and random (dashed)
components of the magnetic field, as a fraction of the total field
are shown versus time for the models with cold gas for strong
(β = 0.1) and moderate (β = 1) magnetic fields. The magnetic
field becomes more disordered up to around 250 Myr as the gas
passes through successive spiral shocks.

Figure 8. The random component of the magnetic field is plot-
ted against the velocity dispersion induced in gas in the shock
after 250 Myr. A much smaller random component is generated
when the velocity dispersion in the spiral arms is low. For a given
temperature (i.e. the 100 K results) the reduction in the velocity
dispersion corresponds to increasing magnetic field strength.

Fig. 8 shows the random component of the field plotted
against the velocity dispersion induced in the shock. The
dispersion was calculated for the velocity component in the
plane of the disc, over subsections of a 200 pc width ring as
was used to determine azimuthal profiles of the average den-
sity and magnetic field. The velocity dispersions indicated
in Fig. 8 are the average from the peak values in each spiral
arm. For the simulations with warm gas, the gas entering the
shock is fairly uniform, and a supersonic velocity dispersion
is not induced in the shock (see Dobbs & Bonnell 2007a). In
contrast, the velocity dispersion in the simulations with cold
gas is highly supersonic, and consequently the random com-
ponent of the magnetic field is much greater. As the mag-

c© 0000 RAS, MNRAS 000, 1–16
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ABSTRACT

We present self-consistent high-resolution simulations of NGC4038/4039 (the ”Antennae galaxies“)
including star formation, supernova feedback and magnetic fields performed with the N -body/SPH
code Gadget, in which magnetohydrodynamics are followed with the SPH method. We vary the
initial magnetic field in the progenitor disks from 10−9 to 10−4 G. At the time of the best match
with the central region of the Antennae system the magnetic field has been amplified by compression
and shear flows to an equilibrium field value of ≈ 10 µG, independent of the initial seed field. These
simulations are a proof of the principle that galaxy mergers are efficient drivers for the cosmic evolution
of magnetic fields. We present a detailed analysis of the magnetic field structure in the central
overlap region. Simulated radio and polarization maps are in good morphological and quantitative
agreement with the observations. In particular, the two cores with the highest synchrotron intensity
and ridges of regular magnetic fields between the cores and at the root of the southern tidal arm
develop naturally in our simulations. This indicates that the simulations are capable of realistically
following the evolution of the magnetic fields in a highly non-linear environment. We also discuss
the relevance of the amplification effect for present day magnetic fields in the context of hierarchical
structure formation.
Subject headings: methods: N -body simulations — galaxies: spiral — galaxies: evolution — galaxies:

magnetic fields — galaxies: kinematics and dynamics

1. INTRODUCTION

Within the framework of the hierarchical galaxy for-
mation picture, galaxies assemble and evolve via merg-
ers of smaller progenitor galaxies (e.g. White & Rees
1978, White & Frenk 1991). Thus, galaxy interactions
are essential for the understanding of structure forma-
tion. In the bottom-up-picture of structure formation
dwarf galaxies merge to form the first galaxies at an early
epoch of the universe. Later, there is still a continuous
merging of fully evolved galaxies. The further growth
of galaxies progresses through a combination of mergers
and diffuse accretion of gas.
Interactions of galaxies change their dynamics

drastically (see e.g. Toomre & Toomre 1972, Barnes
1992, Hernquist & Barnes 1994, Barnes 1999 and
Burkert & Naab 2003, González-Garćıa et al. 2006) as
the gravitational potential is changing rapidly during
the interaction. Since the gas component is dissipative
and most sensitive to changes of the gravitational
potential, it is strongly affected during the interaction
and driven to the galaxy centers, eventually causing
bursts of star formation (Barnes & Hernquist 1992,
Mihos & Hernquist 1994, Barnes & Hernquist 1996,
Bekki & Shioya 1998, Springel 2000, Barnes 2002,
Bournaud et al. 2005, Cox et al. 2006, Naab et al. 2006,
Robertson et al. 2006, Cox et al. 2008, Hopkins et al.
2008). So far simulations of interactions and mergers
of disk galaxies have only been investigated with re-
spect to changes in stellar dynamics, gas flows, star
formation (SF) or formation of central supermassive
black holes (Di Matteo et al. 2005, Springel et al.
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2005b, Springel et al. 2005a, Robertson et al.
2006, DeBuhr et al. 2009, Johansson et al. 2009b,
Johansson et al. 2009a). However, the dramatic impact
of mergers on the gas flows will directly affect the
magnetic fields of the systems (and vice versa) via the
induction equation of magnetohydrodynamics (MHD)
and the Lorentz force. The magnetic fields will change
their morphology following the motion of the gas and
will be amplified by shocks and gas inflow.
Changes in the magnetic field structure, on the other

hand, might influence gas flows, local collapse and the
morphology as well as the star formation activity. Lo-
cal, interacting galaxies are the perfect laboratories for
investigating the effects associated with their magnetic
fields. However, the timescales for galaxy mergers are
far too long to observe these processes directly. The only
observational possibility to study the time evolution of
mergers is to consider different systems at different evo-
lutionary stages. However, the available sample of in-
teracting nearby galaxies is too small to investigate the
evolution of magnetic fields in detail. Thus, numerical
simulations pose a promising tool to study the magnetic
field evolution in interacting systems.
The structure of an interacting system strongly de-

pends on the properties of the progenitor galaxies. Thus,
matching observed nearby interacting systems with sim-
ulations in space and time can give us an idea of the
properties of their progenitors, e.g. their sizes, gas frac-
tions and relative velocities. Furthermore, comparing
simulated systems with observations helps to asses the
performance of the applied numerical method. Numer-
ical methods supported by these comparisons can then
be used to study processes in the early universe, when
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Fig. 1.— Total synchrotron emission (contours) and magnetic
field vectors of polarized intensity at 4.86 GHz based on VLA data
(yellow), overlaid on a DSS image (blue - white background) (Dig-
itized Sky Survey, Palomar and UK Schmidt telescopes). The con-
tour levels are 0.005, 0.12, 0.30, 0.53, 1.2, 2.1, 3.3, 5.3, 9.0, 17 and
24 mJy/beam-area. The resolution is 17”×14”. Credit: Chyzy
(2005)

conventional distance of 22 Mpc for all relevant flux cal-
culations. Given the large variety of high quality ob-
servations (Whitmore et al. 1999, Neff & Ulvestad 2000,
Wilson et al. 2000, Hibbard et al. 2001, Chyży & Beck
2004, Wang et al. 2004, Brandl et al. 2005, Zezas et al.
2006, Brandl et al. 2009) several authors tried to find
initial conditions for simulations representing the Anten-
nae system. Toomre & Toomre (1972) first presented re-
stricted three-body simulations which already explained
the formation of tidal arms and bridges as a result of
tidal interaction during the merger. Follow-up investi-
gations confirmed the early results by studying the de-
tailed galactic dynamics using self-consistent, multiple-
component galaxy models (Barnes 1988). Further studies
added star-formation (Mihos et al. 1993) to the modeling
process and aimed at constraining the influence of dark
halo mass profiles on the development and morphology
of the tidal tails (Dubinski et al. 1996).
Recently, Karl et al. (2010) developed a new model of

the system, not only focussing on its plane-of-sky ap-
pearance, but also on fitting the observed line-of-sight
velocity structure (see also Karl et al. 2008). This study,
alongside with new observations (Zhang et al. 2010), sug-
gests that the localized intense starburst sites observed in
the overlap-region can be explained as the imprint of the
interpenetrating process of the two merging disks follow-
ing their second encounter. These results contrast with
previous numerical simulations which find the current or-
bital phase of the Antennae system to lie somewhere be-
tween the first and the second closest encounters (e.g.
Toomre & Toomre 1972, Barnes 1988, Dubinski et al.
1996).
In this paper we use the model of Karl et al. (2010) and

focus on the central region of the Antennae system and
its magnetic fields. Fig. 1 shows a DSS image (Digitized
Sky Survey (Blue), conducted with the Palomar and UK
Schmidt telescopes and digitized by the Catalogs and
Surveys Group of the Space Telescope Science Institute)

of the central region of the Antennae system, i.e. the
galactic disks and bases of the tidal tails. Overlaid are
contours of total radio synchrotron emission (tracing the
total magnetic field energy) and magnetic field vectors
(derived from polarized intensity). The strength of the
magnetic field is 20 µG on average. The highest values of
more than 30 µG are reached in the overlapping region
and the centers of the galaxies (Chyży & Beck 2004).
Thus, the magnetic field is roughly twice as strong as
the typical values of 5 to 10 µG observed in isolated spi-
ral galaxies (e.g. Beck et al. 1996, Beck 2007, Krause
2009). On the upper left (east), there is a large region
with highly ordered magnetic field lines, most probably
tracing the gas flow at the root of the lower (southern)
tidal tail. This gas is also visible as a HI ridge which
extends far out along the southern tail (Hibbard et al.
2001). The structure of the magnetic field most likely
traces the recent gas motions induced by tidal forces dur-
ing the merger. Apparently, not much of the magnetic
field structure of the progenitor galaxies have survived
the interaction. The progenitors were presumably typi-
cal spirals with a spiral magnetic field pattern (see e.g.
Beck 2009). As the magnetic field is tightly linked to
the motion of the gas, the structure of the field in a sys-
tem which has recently undergone a violent interaction
should mainly resemble the recent kinematic evolution.
It does not depend on long-term processes like the Galac-
tic Dynamo, which is believed to be important in isolated
spiral galaxies (e.g. Brandenburg & Subramanian 2005,
Gressel et al. 2008, Beck 2009, Dubois & Teyssier 2009,
Elstner et al. 2009, Gissinger et al. 2009, Hanasz et al.
2009). In other words, nonlinear systems lose the mem-
ory of their initial conditions. Hence, numerical studies
of the kinematics of merging systems including magnetic
fields should be able to represent the observed magnetic
fields in nearby interacting systems also without includ-
ing long-term processes.

3. SIMULATIONS

3.1. Numerical methods

All simulations were performed with the N-body/SPH-
code Gadget (Springel 2005). Gravitational interac-
tions between the particles are evaluated with a hier-
archical tree method (Barnes & Hut 1986). The dy-
namics of Lagrangian fluid elements are followed using
a SPH formulation which conserves both energy and
entropy (Springel & Hernquist 2002) including the evo-
lution of magnetic fields which was implemented and
tested by Dolag & Stasyszyn (2009). The code has al-
ready been used to investigate the evolution of magnetic
fields in isolated spiral galaxies (Kotarba et al. 2009) and
to compare different implementations of the SPH for-
mulations and implementations in the SPH Code VINE
(Wetzstein et al. 2009, Nelson et al. 2009). These stud-
ies demonstrated the importance of a sensible treatment
of the numerical divergence of the magnetic field (∇ ·B)
in SPH simulations, as it can lead to artificial magnetic
field growth. An implementation utilizing Euler poten-
tials, which by construction poses a ∇ ·B-free prescrip-
tion of magnetic fields (see Price & Bate (2007) for more
details) circumvents this problem. However, using the
Euler potentials, the magnetic field is essentially mapped
on the initial particle arrangement. Thus, if the initial
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Fig. 14.— Inner region (innermost 28 kpc) of the simulated An-
tennae system. Colors correspond to the stellar surface density
(in units of 10−5 M" pc−2), overlaid with contours of total syn-
chrotron power. The contour levels are 0.005, 0.12, 0.30, 0.53, 1.2,
2.1, 3.3, 5.3, 9.0, 17 and 24 mJy. Magnetic field lines derived from
calculations of polarization are shown in black. The simulated sys-
tems compares very well to the observed system (Fig. 1).

the southern tidal tail, naturally develop in our simula-
tion. However, there are also several differences: There
is a lack of magnetic fields in the southern tidal tail, i.e.
the ordered magnetic field structure is not as prominent
as in the observations, which may be caused by a lack of
CRs in this region. Also, there is no western spiral arm in
NGC4038 (the upper galaxy), which is probably because
the spiral structure of the progenitors in our simulation
is not pronounced enough. Furthermore, there is too
little polarized emission in the outskirts of the galaxies
and the overlap region is shifted north (down) compared
to the observations. Moreover, the pitch angle of the
magnetic field in the isolated galaxy (Fig. 13) is rather
small. The latter can probably be explained by the ab-
sence of a dynamo process in this simulation. Despite
these differences the satisfactory match between obser-
vation and our simulation is encouraging. Thus, our nu-
merical method already seems to capture the most essen-
tial basic processes relevant in investigating interactions
of magnetized galaxies. In particular, our model of the
Antennae system seems to provide a fair description of
how this system may have formed.
A further discrepancy between observation and our

simulation is the value of the magnetic field itself. The
magnetic field strength in our simulations saturates at a
mean value of roughly 10 µG, only 10% of the simulated
particles carry magnetic field values of |B| > 20µG and
only 1% have |B| > 50µG. On the other hand, the mean
magnetic field strength derived from observations of syn-
chrotron radiation is approximately 20 µG. However, the
observed value is derived assuming equipartition between
the CR energy and the energy of the magnetic field, an
assumption which does not necessarily have to hold. Fur-
thermore, the assumed CR energy density and the mag-
netic dissipation factor in our calculations are only ap-
proximate estimates. Given these uncertainties, a differ-

ence by a factor of two between the observed magnetic
field and the field strength in our simulations is admissi-
ble.

5. CONCLUSION AND DISCUSSION

We have presented the first fully self-consistent N -
body/SPH simulations of the interacting Antennae
galaxy system including magnetic fields. We show that
weak magnetic seed fields in the isolated disk galaxies are
amplified by the gravitational interaction throughout the
two galactic encounters. Thereby the magnetic pressure
saturates at a level corresponding to equipartition be-
tween the turbulent and the magnetic pressure, indepen-
dent of the initial field strength. Particularly, magnetic
fields with an initial value higher than the equipartition
value diminish during the evolution, demonstrating that
the state of equipartition is the natural state for mag-
netized galactic systems. An analysis of artificial total
synchrotron emission and polarization maps provides a
convincing agreement with the observations. Summariz-
ing, the method of N -body/SPH simulations including
magnetic fields reproduces quite conclusively the compli-
cated dynamics of the amplification and spatial design of
magnetic fields in interacting galaxies.
Moreover, a detailed discussion of the numerical di-

vergence of the magnetic field in SPH simulations has
been presented in section 3.3.2. Our analysis strongly
suggests that numerical divergence measures which are
smaller than a certain threshold can be considered as
measures of sub-resolution fluctuations which do not af-
fect the overall evolution of the magnetic field. Consid-
ering simulations using the Euler-Potentials, which pose
a ∇ ·B-free prescription by definition, this threshold can
be assessed to be h∇ ·B/|B| ≈ 1 (see also Kotarba et al.
2009).
What can we learn from these simulations for the

global evolution of cosmic magnetic fields? Within the
framework of standard CDM hierarchical clustering mod-
els the formation of large disk galaxies as well as elliptical
galaxies is characterized by more or less intense merging
of smaller galactic subunits, e.g. dwarf galaxies, collaps-
ing gas clouds or globular clusters. If we assume that
at least some of the accreted subunits have been magne-
tized by stellar activity (e.g. supernova explosions, stel-
lar winds or T-Tauri-jets), the merging of such subunits
to larger galaxies must have been accompanied by a sig-
nificant amplification and restructuring of the magnetic
field on galactic scales. The amplification and ordering
of small-scale magnetic fields to a toroidal configuration
during the evolution of isolated galaxies was recently
shown by Hanasz et al. (2009) and Dubois & Teyssier
(2009) independently. Hanasz et al. (2009) considered
an axially symmetric galactic disk in which stellar seed
fields were amplified by a cosmic ray driven dynamo.
Dubois & Teyssier (2009) demonstrated the amplifica-
tion and ordering of small-scale fields seeded by SF activ-
ity in the context of the formation of a dwarf galaxy with
significant galactic winds. Complementary to these find-
ings, our simulations prove that amplification via non-
axisymmetric three dimensional gravitational interaction
alone may provide an alternative channel for galactic as
well as intergalactic magnetic field evolution. In other
words, given that the structure formation is character-
ized by a galactic bottom-up architecture, we would ex-
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Figure 8. Same as Fig. 7, but for the shock at t = 859 Myr. Note the different y-ranges compared to Fig. 7.

Tds/Tus ∝ 5M2 + 14 − 3/M2, see Landau & Lifshitz
1959). Thus, the higher Mach numbers within the different
scenarios are reflected in the temperatures of the IGM
behind the shock fronts (best visible for t = 715 Myr,
Fig. 10). Simultaneously, the region of shock heated gas
is larger the stronger the shock (see also appendix A2).
Thereby, the IGM temperatures reach values up to 108

K. Gas of this temperature can be expected to give rise
to significant X-ray emission by thermal bremsstrahlung.
This was shown by e.g. Cox et al. (2006), who performed
hydrodynamical simulations of mergers of gas-rich disk
galaxies. They showed that the hot diffuse gas that is pro-
duced by strong shocks attending the merger process can
produce appreciable X-ray emission. Hence, it is interesting
to note that the expected X-ray emission during galactic
interactions increases with increasing magnetic field.

As the nature of the presented galactic interaction is
highly non-linear, our conclusions should be taken as gen-
eral trends. The behaviour of the shocks in our simulations
strongly indicates that in the presence of a magnetic field
the shocks driven by an interaction are supported by the
magnetic pressure, thus resulting in higher Mach numbers.
Simultaneously, the magnetic field evolution in our simula-
tions is a strong indication for a shock driven magnetic field
amplification. As most of the gas in the Universe is mag-
netized and shocks can be driven by different processes, we
want to emphasize that the “magnetic shock acceleration”
seen in our simulations might have implications within many
astrophysical settings, e.g. galaxy clusters.

Figure 11. Brms =
√

〈B2〉 as a function of time for the G6-
IGM9 scenario (blue lines), the G9-IGM9 scenario (red lines),
and the G9-IGM12 scenario (black lines). We separately show
the IGM values (dotted lines) and the values inside the galaxies
(solid lines). We distinguish between the IGM and the galaxies
applying a density threshold of 10−29 g cm−3. The final values
for the galactic and the IGM magnetic field, respectively, are the
same within all scenarios.

“The magnetic field in the 
system saturates rapidly 

after the mergers at ∼ 10−6 G 
within the galaxies”
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ABSTRACT

We present high resolution simulations of a multiple merger of three disk galax-
ies including the evolution of magnetic fields performed with the N -body/SPH code
Gadget. For the first time, we embed the galaxies in a magnetized, low-density
medium, thus modeling an ambient IGM. The simulations include radiative cooling
and a model for star formation and supernova feedback. Magnetohydrodynamics is
followed using the SPH method. The progenitor disks have initial magnetic seed fields
in the range of 10−9 to 10−6 G and the IGM has initial fields of 10−12 to 10−9 G.
The simulations are compared to a run excluding magnetic fields. We show that the
propagation of interaction-driven shocks depends significantly on the initial magnetic
field strength. The shocks propagate faster in simulations with stronger initial field,
suggesting that the shocks are supported by magnetic pressure. The Mach numbers
of the shocks range from approximately M = 1.5 for the non-magnetized case up to
M = 6 for the highest initial magnetization, resulting in higher temperatures of the
shock heated IGM gas. The magnetic field in the system saturates rapidly after the
mergers at ∼ 10−6 G within the galaxies and ∼ 10−8 G in the IGM independent of
the initial value. These field strengths agree with observed values and correspond to
the equipartition value of the magnetic pressure with the turbulent pressure in the
system. We also present synthetic radio and polarization maps for different phases of
the evolution showing that shocks driven by the interaction produce a high amount of
polarized emission. These idealized simulations indicate that magnetic fields play an
important role for the hydrodynamics of the IGM during galactic interactions. We also
show that even weak seed fields are efficiently strengthened during multiple galactic
mergers. This interaction driven amplification might have been a key process for the
magnetization of the Universe.

Key words: methods: N -body simulations — galaxies: spiral — galaxies: evolution
— galaxies: magnetic fields — galaxies: kinematics and dynamics

1 INTRODUCTION

Radio observations have revealed that most late type galax-
ies in the local Universe - isolated grand design spirals, irreg-
ulars and dwarf galaxies - are permeated by magnetic fields
(Beck et al. 1985; Hummel & Beck 1995; Beck & Hoernes
1996; Chyży et al. 2007; Vollmer et al. 2010). The field
strengths in all of these objects do not vary by more than
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one order of magnitude from a few µG in dwarfs (e.g.
Chyży et al. 2003) to 30 µG in the star-forming regions of
grand-design spiral galaxies (Fletcher et al. 2004). Magnetic
fields have also been observed at redshifts up to z ≈ 2 in
damped Ly-α systems. These systems, which might be in-
terpreted as large progenitors of present-day galaxies (e.g.
Wolfe et al. 1995, 2005), seem to host magnetic fields of sim-
ilar strength as local late-type galaxies (e.g. Bernet et al.
2008 and references therein).

These observations invite the question about the origin





what do magnetic fields change 
about the star formation process?

Li et al. (2009)







           



  

            


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angle,8 !p. The length of the vectors is proportional to the mea-
sured fractional polarized intensity of the star, with a vector of
5% fractional polarization shown in the key at the bottom left. In
the regions covered by the cloud there is a remarkable agreement
between the orientation of the polarization vectors and the di-
rection of the cloud’s filaments. By contrast, in the area l ! "2#

and b $ "3# there is very little absorption associated with the
cloud and these regions show disordered polarization vectors.
Referring only to the area covered by the cloud (l > "3#, b >
"3#), the mean polarization angle is h!pi¼ 53# & 11#. The
polarization angle for polarization arising from polarization
of background starlight is parallel to the magnetic field direc-
tion such that the angle of the magnetic field, !B, also equals
53# & 11#.

Stellar polarization measurements probe the magnetic field
integrated along the line of sight, which can lead to a superpo-
sition of structures in the observed vectors. Because we initially
included all stars out to 2 kpc distance it is also possible that the
magnetic field orientation observed is not associated with the
R-C cloud, but located behind it. To test this we examined only
stars out to a distance of 200 pc and found that, although the
sample size is smaller, the mean polarization angle agreed with
h!pi ¼ 53# to within the standard deviation of the full sample.
This suggests that the dominant magnetic structure along this
line of sight lies within 200 pc and the very good alignment with
the R-C H i strands suggests that they are related.

5. DISCUSSION

5.1. Magnetic Field Strength

Measurements of stellar polarization do not directly yield a
measurement of the strength of the magnetic field. However,

Chandrasekhar & Fermi (1953) suggested that the variance in an
ensemble of polarization measurements can be used to estimate
the strength of the field. This method is often applied to mea-
surements of starlight polarization due to dust (e.g., Andersson
& Potter 2006) and has been tested against theoretical MHD
models by Heitsch et al. (2001) and Ostriker et al. (2001). The
technique assumes that turbulence in the magnetized medium
will randomize the magnetic field and that the stronger the reg-
ular field is, the less it is disturbed by turbulence. Using the
Chandrasekhar-Fermi (C-F) method, as modified by Heitsch
et al. (2001) the strength of the magnetic field in the plane of the
sky can be estimated as

hBi2 ¼ "4#$
%2
v

%(tan &p)
2
; ð5Þ

where %v , is the turbulent line width for the R-C filaments, $
is the density of the medium, &p ) !p " h!pi, and " is a correc-
tion factor (e.g., Heitsch et al. 2001). For small values of &p ,
%(tan &p) * %(&p). The derived magnetic field depends on the
assumed value for ". Heitsch et al. (2001) found that for simu-
lated molecular clouds the value of " required to reconcile the
C-F estimated field strength and the input field was in the range
0.2–1, with an average value of 0.5 for the ensemble of simu-
lated clouds. Ostriker et al. (2001) also found an average correc-
tion factor of 0.5 for simulated molecular clouds, although with
a smaller dispersion.

To estimate the magnetic field strength in the R-C cloud
we will adopt " ¼ 0:5. The dispersion in the measured stellar
polarization angles toward the R-C cloud is %(&p) * 11# and,
as before, $ ¼ 1:4mHnH ¼ 1:1 ; 10"21 g cm"3 and %v ¼ %turb ¼
1:4 km s"1. We therefore estimate that hBi + 60 'G. Because of
the uncertainty in the correction factor, ", for a given cloud, the
field strength estimated from the C-F method must be regarded
as a rough estimate, probably only good to within a factor of 2.

As an alternative to the C-F method, we can estimate the mag-
netic field strength assuming equipartition of the magnetic and
kinetic energy densities in the cloud. The R-C cloud filaments
appear to be very straight compared with other structures ob-
served in the ISM. Magnetic tension can provide a mechanism
for holding filaments straight against turbulent effects. For the
magnetic field to dominate the structure it must dominate over
internal turbulence and gravitational effects. We can estimate the
relative contributions of the kinetic, gravitational, and magnetic
energy densities,KGM, respectively. The kinetic energy density
for an H i cloud is given by

K ¼ 3=2(1:4mH)nH%
2 ¼ 2:1 ; 10"33 NH!v 2

!s
ergs cm"3; ð6Þ

where !v is in km s"1 and !s is in pc. Considering just the
filaments of the R-C cloud, where NH + 1 ; 1020 cm"2, !v +
3:5 km s"1, and!s * 0:07 pc if the filaments are cylinders, then
the kinetic energy density is K ¼ 3:7 ; 10"11 ergs cm"3. If the
filaments are edge-on ribbons instead of cylinders then the kinetic
energy density will be smaller.

If we approximate the filaments as cylinders of r ¼ !s/2 and
length L, then the total gravitational energy is given by W ¼
"GM 2 /L (Fiege & Pudritz 2000) and the gravitational energy
density is

G ¼ G#(1:4mHnHr)
2; ð7Þ

8 The polarization angles are measured such that !p ¼ 0# when the vector
points toward up and increases in a clockwise direction.

Fig. 6.—H i image of the R-C cloud at v ¼ 4:95 km s"1 overlaid with vectors
of stellar polarization fromHeiles (2000). Themeasured polarization vectors are
aligned with the magnetic field direction. The length of the vectors is propor-
tional to the measured fractional polarized intensity, with the scale given by the
5% fractional polarized intensity vector shown by the scale of the vector in the
bottom left corner.
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ABSTRACT

We present new 230 GHz Submillimeter Array observations of the candidate first hydrostatic core Per-Bolo 58. We
report the detection of a 1.3 mm continuum source and a bipolar molecular outflow, both centered on the position of
the candidate first hydrostatic core. The continuum detection has a total flux density of 26.6 ± 4.0 mJy, from which
we calculate a total (gas and dust) mass of 0.11 ± 0.05 M" and a mean number density of 2.0 ± 1.6 × 107 cm−3.
There is some evidence for the existence of an unresolved component in the continuum detection, but
longer-baseline observations are required in order to confirm the presence of this component and determine
whether its origin lies in a circumstellar disk or in the dense inner envelope. The bipolar molecular outflow is
observed along a nearly due east–west axis. The outflow is slow (characteristic velocity of 2.9 km s−1), shows a
jet-like morphology (opening semi-angles ∼8◦ for both lobes), and extends to the edges of the primary beam. We
calculate the kinematic and dynamic properties of the outflow in the standard manner and compare them to several
other protostars and candidate first hydrostatic cores with similarly low luminosities. We discuss the evidence both
in support of and against the possibility that Per-Bolo 58 is a first hydrostatic core, and we outline future work
needed to further evaluate the evolutionary status of this object.

Key words: ISM: individual objects (Per-Bolo 58) – ISM: jets and outflows – stars: formation – stars: low-mass
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1. INTRODUCTION

Low-mass stars form from the gravitational collapse of
dense molecular cloud cores (e.g., Shu et al. 1987; McKee
& Ostriker 2007). Although many open questions remain,
the evolutionary stages in this process are generally well
understood. Nearly all of the main stages have been observed in
large samples and compared to theoretical predictions, including
starless (prestellar) cores, embedded protostars, T Tauri stars,
and pre-main-sequence stars. However, one stage has not yet
been definitively observed: the first hydrostatic core (hereafter
FHSC). First predicted by Larson (1969), it exists between
the starless and protostellar phases. As the molecular cloud
core collapses, a central hydrostatic object (the FHSC) forms
once the central density increases to the point where the central
region becomes opaque to radiation (ρc ! 10−13 g cm−3; Larson
1969), rendering the collapse adiabatic rather than isothermal.
This object continues to accrete from the surrounding core
and both its mass and central temperature increase with time.
Once the temperature reaches ∼2000 K the energy liberated by
accreting material dissociates H2, preventing the temperature
from continuing to rise to sufficiently balance gravity. At this
point the second collapse is initiated, eventually leading to
the formation of the second hydrostatic core, more commonly
referred to as the protostar.

Numerous theoretical studies have investigated the physical
properties of FHSCs. The maximum mass before the onset
of the second collapse is generally ∼0.04–0.05 M" (Boss &
Yorke 1995; Masunaga et al. 1998; Omukai 2007; Tomida et al.
2010), although a larger range (0.01–0.1 M") is found when the
effects of rotation are included (Saigo & Tomisaka 2006; Saigo

et al. 2008). The lifetime of the FHSC is estimated to be short
compared to the embedded phase duration of 0.54 Myr (Evans
et al. 2009), but specific studies find a large range of possible
lifetimes between ∼5 × 102 and 5 × 104 yr (Boss & Yorke
1995; Omukai 2007; Saigo et al. 2008; Tomida et al. 2010).
Most of the variation is due to different models and assumptions
concerning the mass accretion rate from the surrounding core.
The predicted internal luminosity5 of the FHSC is also very
low but covers a large range (10−4 to 10−1 L"; Masunaga et al.
1998; Omukai 2007), with most of the variation again due to
different mass accretion rates from the surrounding core leading
to different accretion luminosities. The radius is typically ∼5 AU
(Masunaga et al. 1998), but can be much larger (!10–20 AU)
and can exhibit a flattened, disk-like morphology when the
effects of rotation are included (Saigo & Tomisaka 2006; Saigo
et al. 2008).

The observational characteristics of FHSCs have also been
predicted by several authors. The emergent spectral energy
distributions (SEDs) of FHSCs embedded in their parent cores
have been studied by Boss & Yorke (1995), Masunaga et al.
(1998), Omukai (2007), and Saigo & Tomisaka (2011). While
the details vary from one study to the next, they all find that
the radiation emitted by the FHSC is essentially completely
reprocessed by the dust in the surrounding core to 50–200 µm,
with the SED characterized by emission from 10 to 30 K dust
and no observable emission below 30–50 µm. Omukai (2007)
also showed that the H2O lines emitted in the accretion shock
fall below the sensitivities of current space missions but could

5 The internal luminosity is the luminosity of the central source and excludes
luminosity arising from external heating.
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Table 1
SMA Observations of Perseus Bolo 58

Line ν Beam FWHM Beam PAa Bandwidth δVb 1σ rmsc

(GHz) (′′) (Degrees) (GHz) (km s−1) (mJy beam−1)
12CO J = 2–1 230.53797 2.92 × 2.49 −86.0 0.082 0.53 42
13CO J = 2–1 220.39868 3.15 × 2.63 −74.5 0.082 0.53 33
C18O J = 2–1 219.56037 3.16 × 2.64 −74.6 0.082 0.26 46

Continuum 225.67836 3.01 × 2.54 −80.0 5.330 . . . 0.39

Notes.
a Position angle of the long axis of the beam, measured east (counterclockwise) from north.
b Width of each channel in km s−1.
c For lines, the mean of the 1σ rms of the spectrum at each spatial position with the spectral resolution given in the previous column. For the continuum,
the 1σ rms of the continuum intensity.

and were unable to rule out the possibility that Per-Bolo 58 is a
low luminosity protostar based on the SED alone.

3. OBSERVATIONS

One track of observations of Per-Bolo 58 was obtained with
the SMA on 2010 November 16 in the compact configuration
with eight antennas, providing projected baselines ranging from
5 to 76 m. The observations were obtained with the 230 GHz
receiver and included 4 GHz of bandwidth per sideband, with
12 GHz spacing between the centers of the two sidebands.
The correlator was configured such that the lower sideband
(LSB) covered approximately 216.8–220.8 GHz while the upper
sideband (USB) covered approximately 228.8–232.8 GHz,
providing simultaneous observations of the 12CO, 13CO, C18O
J = 2–1, N2D+ J = 3–2, and SiO J = 5–4 lines. The lines
were observed with either 256 (13CO, SiO) or 512 (12CO,
C18O, N2D+) channels in the 104 MHz bands, providing channel
separations of 0.53 and 0.26 km s−1, respectively. The remaining
bands were used to measure the 1.3 mm continuum with a total
bandwidth of 5.33 GHz.

The weather conditions were extremely good for 230 GHz
observations. Throughout the observations the zenith opacity at
225 GHz varied between ∼0.05 and 0.1, and the system tem-
perature was typically ∼120 K, ranging from 80 to 240 K de-
pending on elevation. Regular observations of the quasar 3C84
were interspersed with those of Per-Bolo 58 for gain calibra-
tion. Uranus and 3C84 were used for passband calibration, and
Uranus was used for absolute flux calibration. We estimate a
15% uncertainty in the absolute flux calibration by comparing
the measured fluxes of the calibrators from our calibrated data
with those in the SMA calibrator database8 for the same observa-
tion date. The data were inspected, flagged, and calibrated using
the MIR software package9 and imaged, cleaned, and restored
using the Multichannel Image Reconstruction, Image Analysis,
and Display (MIRIAD) software package configured for the
SMA.10 Imaging was performed with a robust uv weighting pa-
rameter of + 1, found to provide the best compromise between
resolution and sensitivity for these data. The final maps were
re-gridded onto 0.′′5 pixels.

Only the continuum and CO (and its isotopologues) are
detected and discussed in this paper. Table 1 lists, for each
of these observations, the frequency of observation, the synthe-
sized beam size and orientation, the total bandwidth, the channel
separation (for the lines), and the measured 1σ rms. For the con-
tinuum, the 1σ rms is determined by calculating the standard

8 Available at http://sma1.sma.hawaii.edu/callist/callist.html
9 Available at https://www.cfa.harvard.edu/∼cqi/mircook.html
10 Available at http://www.cfa.harvard.edu/sma/miriad/
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Figure 1. Spitzer c2d 24 µm image of Per-Bolo 58. The gray scale is inverted
and displayed in a linear stretch with the minimum and maximum intensities
set to 36.5 (white) and 37.1 (black) MJy sr−1, respectively. The green contours
show the SMA 1.3 mm continuum intensity. The solid contours show positive
intensity contours starting at 3σ and increasing by 7σ , and the dotted contours
show negative intensity contours starting at −3σ and decreasing by 7σ , where
the 1σ rms in the continuum image is 0.39 mJy beam−1. The two 3σ peaks
southeast and northwest of Per-Bolo 58 are sidelobes incompletely removed by
the cleaning process. Only one −3σ peak is present in the northwest corner
of the image. The synthesized beam size and shape of the SMA continuum
observations is shown by the white filled oval in the lower right.
(A color version of this figure is available in the online journal.)

deviation of all off-source pixels. For the spectra, the 1σ rms is
determined by calculating, for each pixel, the standard deviation
of the intensity in each spectral channel outside of the veloc-
ity range 0–20 km s−1, and then calculating the mean standard
deviation over all pixels.

4. RESULTS

4.1. Continuum

Figure 1 displays, in inverted gray scale, the Spitzer c2d
24 µm image of Per-Bolo 58, showing the weak detection at
this wavelength. Overlaid are contours showing the 1.3 mm
SMA continuum intensity. Per-Bolo 58 is clearly detected in
the continuum. Using the MIRIAD task imfit we fit an elliptical
Gaussian to the detection and report a peak position of R.A. =
03 29 25.46, decl. = + 31 28 15.0, as listed in Table 2. The
uncertainties in this position from the fit are less than 0.′′2 in
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Table 3
Outflow Properties

Quantity Unit Blue Lobe Red Lobe Combined

Lobe Size (Rlobe) AU 6.8 × 103 5.5 × 103 6.2 × 103

Outflow Mass (Mflow) M" 1.1 × 10−4 0.9 × 10−4 2.0 × 10−4

Outflow Momentum (Pflow) M" km s−1 2.5 × 10−4 3.1 × 10−4 5.6 × 10−4

Outflow Kinetic Energy (Eflow) ergs 2.3 × 1040 2.8 × 1040 5.1 × 1040

Outflow Luminosity (Lflow) L" 1.2 × 10−5 2.6 × 10−5 4.2 × 10−5

Outflow Force (Fflow) M" km s−1 yr−1 1.6 × 10−8 3.5 × 10−8 5.6 × 10−8

Characteristic Velocity (vflow) km s−1 2.4 3.5 2.9
Dynamical Time (τd ) yr 1.6 × 104 0.9 × 104 1.0 × 104
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Figure 5. SMA 1.3 mm continuum image of Per-Bolo 58. The gray scale is
inverted and displayed in a linear stretch ranging from −2.73 mJy beam−1

(−7σ ; white) to 4.68 mJy beam−1 (12σ ; black). The green contours show the
continuum intensity starting at 3σ and increasing by 7σ , where the 1σ rms in
the continuum image is 0.39 mJy beam−1. The blue contours show blueshifted
12CO J = 2–1 emission integrated from 0.3 to 7.3 km s−1, while the red contours
show redshifted emission integrated from 7.3 to 14.3 km s−1. The solid blue
and red contours start at 3σ and increase by 1σ whereas the dotted blue and
red contours start at −3σ and decrease by 1σ , where the 1σ rms in both the
integrated red and blue maps is 0.16 Jy beam−1 km s−1. The black circle shows
the primary beam of the SMA at 230 GHz. The synthesized beam size and shape
of the 12CO observations is shown by the black filled oval in the lower right.
The central (0,0) position is that reported by Enoch et al. (2010; the phase center
of the observations).
(A color version of this figure is available in the online journal.)

inclinations. In general we are unable to set strong constraints
on the inclination, a point we will return to in Section 6 below.

5.2. Kinematics

We calculate, separately for the blue and red lobes and for
the combined outflow, the mass of the outflow, Mflow, and
its kinematic and dynamic properties (kinetic energy [Eflow],
momentum [Pflow], characteristic velocity [v = Pflow/Mflow],
dynamical time [τd = Rlobe/v], mechanical luminosity [Lflow =
Eflow/τd ], and force [Fflow = Pflow/τd ]) in the standard manner
(e.g., Cabrit & Bertout 1986, 1990; see also Dunham et al.
2010). The results are listed in Table 3 using a map corrected
for primary beam attenuation. The mass and all other properties

that depend on mass are calculated assuming LTE and do
not include corrections for inclination or optical depth. Thus,
combined with the facts that the outflow likely extends beyond
the primary beam (Section 5.1) and that these observations will
filter out any extended component to the outflow, our reported
values are lower limits only. Because we only calculate lower
limits, we assume the gas temperature that minimizes the LTE
calculation of mass, 17.6 K (see Dunham et al. 2010 for details).
The actual temperatures of outflowing gas may be significantly
higher (50–200 K; Hatchell et al. 1999; van Kempen et al.
2009a, 2009b), although this remains a significant unknown,
especially for very low luminosity sources like Per-Bolo 58.
The true values of the quantities listed in Table 3 may be higher
by more than an order of magnitude depending on the true values
of the outflowing gas temperature and optical depth in the 12CO
J = 2–1 line and the fraction of total outflow emission missing
from our map (see, e.g., Bourke et al. 2005, Chen et al. 2010,
Arce et al. 2010, Curtis et al. 2010, and Dunham et al. 2010
for a few of many recent discussions on calculating outflow
properties).

While the morphology of the blue and red lobes argues
strongly for the presence of an outflow, with such a low
characteristic velocity (2.9 km s−1) it is important to rule out
bound motion as being responsible for the kinematic signatures
interpreted as an outflow. For gas at 2.9 km s−1 to be bound at
6200 AU (the average observed size of the two lobes) requires a
mass of at least 29 M", a factor of ∼15–30 times higher than the
total core mass. We thus definitively eliminate bound motion as
being responsible for the observed blue and red lobes.

The masses of outflowing gas in the blue and red lobes are
comparable (∼1 × 10−4 M"), but the characteristic velocity of
the red lobe is faster by 1.1 km s−1 (46%), leading to larger
values of all other quantities except for the dynamical time
which is inversely proportional to velocity and thus smaller. In
particular, the force required to drive the red lobe is a factor of
two higher than that required to drive the blue lobe. Such a force
mismatch could, in principle, accelerate the central object out
of the dense core from which it is forming. In reality, however,
this acceleration is very small; a simple calculation assuming a
central mass of 0.01 M"

14 shows that it would take 0.54 Myr for
the central object to move 2.′′3 (575 AU at 250 pc, the effective
radius of the SMA continuum source). This time is comparable
to the total duration of the embedded phase (0.44–0.54 Myr;
Evans et al. 2009). Furthermore, if we shift the central velocity
of the core from our assumed value of 7.3 km s−1 to 7.9 km s−1,
as given by Hatchell & Dunham (2009), the forces required to
drive the two lobes agree to within 16% and the mismatch is
negligible. Detections of higher density tracers than C18O, used

14 Approximately the amount of mass that would accrete in the dynamical
time of the outflow (∼104 yr) at a standard rate of ∼10−6 M" yr−1.
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 The outflow is slow (characteristic velocity of 2.9 km s−1), 
shows a jet-like morphology (opening semi-angles ∼8◦ for 
both lobes), and extends to the edges of the primary beam.~1 solar mass core
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Summary
can perhaps explain magnetic fields in galaxies by purely 
dynamical effects

magnetic fields important as a source of pressure in ISM

magnetic fields affect molecular cloud structure and 
dynamics, perhaps controlling star formation rate/efficiency 
even in turbulent clouds

magnetic fields produce some of the most beautiful 
phenomena in astrophysics!


